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Figure 2. Three-color image of 30 Doradus: MIPS 8 µm (red), H! (green), and 0.5–8 keV X-rays (blue). White contours show the 12CO(1–0) emission (Johanssonet al. 1998) in the region. Both large- and small-scale structures are evident. north is up, east is left.

For the area outside the field of Parker (1993), we use the
UBV data of Selman & Melnick (2005). These observations
were taken with the Wide Field Imager on the MPG/ESO 2.2 m
telescope at La Silla, out to half a degree away from R136 with
0.!!238 pixel"1. Thus, the three data sets combined provide a full
coverage of 30 Doradus in the U, B, and V bands.

To illustrate the H ii region structure, we show the H!
emission of 30 Doradus in Figure 2. This narrowband image
(at 6563 Å, with 30 Å full-width at half-maximum) was
taken with the University of Michigan/CTIO 61 cm Curtis
Schmidt Telescope at CTIO as part of the Magellanic Cloud
Emission Line Survey (Smith & MCELS Team 1998). The
total integration time was 600 s, and the reduced image has
a resolution of 2!! pixel"1.

2.2. Infrared

Infrared images of 30 Doradus were obtained through the
Spitzer Space Telescope Legacy project Surveying the Agents of
Galaxy Evolution (Meixner et al. 2006) of the LMC. The survey
covered an area of #7 $ 7 degrees of the LMC with the Infrared
Array Camera (IRAC; Fazio et al. 2004) and the Multiband
Imaging Photometer (MIPS; Rieke et al. 2004). Images were
taken in all bands of IRAC (3.6, 4.5, 5.8, and 7.9 µm) and
of MIPS (24, 70, and 160 µm) at two epochs in 2005. For
our analyses, we used the combined mosaics of both epochs
with 1.!!2 pixel"1 in the 3.6 and 7.9 µm IRAC images and
2.!!49 pixel"1 and 4.!!8 pixel"1 in the MIPS 24 µm and 70 µm
images, respectively.

2.3. Radio

30 Doradus was observed with the Australian Telescope Com-
pact Array (ATCA) as part of a 4.8 GHz and 8.64 GHz survey of

the LMC (Dickel et al. 2005). This program used two array con-
figurations that provided 19 antenna spacings, and these ATCA
observations were combined with the Parkes 64 m telescope
data of Haynes et al. (1991) to account for extended structure
missed by the interferometric observations. For our analyses,
we utilized the resulting ATCA+Parkes 8.64 GHz (3.5 cm) im-
age of 30 Doradus, which had a Gaussian beam of FWHM 22!!
and an average rms noise level of 0.5 mJy beam"1. We note
that higher resolution ATCA observations of 30 Doradus have
been taken by Lazendic et al. (2003), but we have opted to
use the ATCA+Parkes image of Dickel et al. (2005) as the lat-
ter is more sensitive to the low surface-brightness outskirts of
30 Doradus.

2.4. X-ray

30 Doradus was observed using the Chandra Advanced CCD
Imaging Spectrometer (ACIS) in 2006 January for %94 ks
total (ObsIDs 5906 [13 ks], 7263 [43 ks], and 7264 [38 ks];
PI: L. Townsley) in the timed-exposure VFaint mode. The
spatial resolution of the Chandra ACIS images is 0.!!492 pixel"1.
Data reduction and analysis was performed using the Chandra
Interactive Analysis of Observations (CIAO) Version 4.1. We
followed the CIAO data preparation thread to reprocess the
Level 2 X-ray data and merge the three observations together.
Figure 3 shows the resulting soft X-ray band (0.5–2.0 keV)
image following these analyses. Seventy-four point sources
were identified in the reprocessed images using the CIAO
command wavdetect (a source detection algorithm using wavelet
analysis; Freeman et al. 2002); we excluded the identified point
sources in our spectral analyses.

To produce a global X-ray spectrum of 30 Doradus, we ex-
tracted Chandra spectra using the CIAO command specextract.
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Figure 3. Histograms of the physical properties of molecular clouds. In the top two panels, the solid line indicates the best fit to the radius and mass spectra.

mass and number) have virial parameters <1. This analysis
thus suggests that most of the molecular mass contained in
identifiable molecular clouds is located in gravitationally bound
structures.

6.3. Number Density and Surface Mass Density

The bottom left panel shows the mean density of H2 in
our sample of 750 molecular clouds, the median of which is
231 cm!3. This value is well below the critical density of the
13CO J = 1 " 0 transition, ncr = 2.7#103 cm!3, suggesting
that the gas with density n > ncr is not resolved by a 48$$ beam
(0.25 pc at d = 1 kpc), and that its filling factor is low.

The bottom right panel shows the surface mass density of the
molecular clouds, with a median of 144 M% pc!2. Using the
Galactic gas-to-dust ratio &NH /AV ' = 1.9#1021 cm!2 mag!1

(Whittet 2003), this corresponds to a median visual extinction
of 7 mag. This value is consistent with the prediction from
photoionization dominated star formation theory (McKee 1989).
A median surface mass density of 140 M% pc!2 is lower than
the median value of 206 M% pc!2 derived by Solomon et al.
(1987) based on the virial masses of a sample of molecular

clouds identified in the 12CO UMSB survey. Note that Solomon
et al. (1987) originally found a median surface mass density of
170 M% pc!2, assuming that the distance from the sun to the
Galactic center is 10 kpc. Assuming a Galactocentric radius of
8.5 kpc for the sun, this value becomes 206 M% pc!2 (Heyer et al.
2009). The median surface density derived here is also higher
than the value of 42 M% pc!2 derived by Heyer et al. (2009),
who re-examined the masses and surface mass densities of the
Solomon et al. (1987) sample using the GRS and a method
similar method to ours. Similar to our analysis, Heyer et al.
(2009) estimated the excitation temperature from the 12CO line
emission and derived the mass and surface density from 13CO
GRS measurements and the excitation temperature.

For the Solomon et al. (1987) molecular cloud sample, Heyer
et al. (2009) found a median surface density of 42 M% pc!2

using the area A1 (the 1 K isophote of the 12CO line) defined
by Solomon et al. (1987) to compute masses and surface mass
densities. However, computing surface mass densities within the
half power 12CO isophote (A2) yields a median surface mass
density close to 200 M% pc!2 (see Figure 4 of Heyer et al. 2009).
It is thus likely that the discrepancy between the surface densities
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Figure 2. The global evolution of the rerun calculation with smaller sink particle accretion radii and no gravitational softening between sink particles. The
global evolution is very similar to the main calculation, but due to the chaotic nature of the dynamics on small scales, the detailed structure of the multiple
systems and the ejections differs. The calculation is only followed to just over one free-fall time because it is much more computationally expensive. Each
panel is 0.8 pc (165 000 au) across. Time is given in units of the initial free-fall time, tff = 1.90 ! 105 yr. The panels show the logarithm of column density, N,
through the cloud, with the scale covering "1.4 < log N < 1.0 with N measured in g cm"2.

Figure 3. Histograms giving the IMF of the 1254 stars and brown dwarfs
that had been produced by the end of the main calculation. The single-
hashed region gives all objects, while the double-hashed region gives those
objects that have stopped accreting. Parametrizations of the observed IMF
by Salpeter (1955), Kroupa (2001) and Chabrier (2003) are given by the
magenta line, red broken power law and black curve, respectively. The nu-
merical IMF broadly follows the form of the observed IMF, with a Salpeter-
like slope above #0.5 M$ and a turnover at low masses. However, it clearly
overproduces brown dwarfs by a factor of %4.

brown dwarfs to stars exceeds 1:3. The main calculation, therefore,
overproduces brown dwarfs relative to the stars by a factor of %4
compared with the observed IMF.

3.1.1 The dependence of the IMF on numerical approximations
and missing physics

There are several potential causes of brown dwarf overproduc-
tion that may be divided into two categories: numerical effects
or neglected physical processes. Arguably, the main numerical ap-
proximation made in the calculations is that of the sink particles.
High-density gas is replaced by a sink particle whenever the maxi-
mum density exceeds 10"10 g cm"3, and the gas within a radius of
5 au is accreted on to the sink particle producing a gravitating point
mass containing a few Jupiter masses of material. These sink parti-
cles then interact with each other ballistically, which, for example,
might plausibly artificially enhance ejections and the production of
low-mass objects.

In order to investigate the effect of the sink particle approximation
on the results, we reran part of the main calculation with smaller
sink particles (accretion radii of 0.5 au) and without gravitational
softening between sink particles (they were allowed to merge if
they came within 4 R$ of each other.). This calculation was only
followed to 1.038tff due to its much more time consuming nature.
The small accretion radius calculation produced 258 stars and brown
dwarfs in the same time-period that the main calculation produced
221 objects. Because the calculations are chaotic, identical results
should not be expected. The main question to answer is whether or
not the results are statistically different.

In Figs 4 and 5, we compare the IMFs produced by the main
calculation and the smaller sink particle calculation at the same time.
The smaller sink particle calculation produces twice as many objects
with masses less than 10 Jupiter masses than the main calculation,
but overall the two IMFs are very similar. A Kolmogorov–Smirnov
(K–S) test run on the two distributions shows that they have a
13 per cent probability of being drawn from the same underlying
IMF (i.e. they are statistically indistinguishable). Removing objects
with less than 10 Jupiter masses from the K–S test results in a
38 per cent probability of the two distributions being drawn from
the same underlying IMF. We conclude that the variations in the
sink particle accretion radii and gravitational softening may have
an effect on the production of extremely low mass objects. However,
changes in the sink particle parameters do not significantly alter the
overall results and, thus, the use of sink particles is probably not
responsible for the significant overproduction of brown dwarfs.

It seems most likely that the overproduction of brown dwarfs is
related to the physical processes that are not included in the cal-
culations. Whitehouse & Bate (2006) showed that replacing the
barotropic equation of state by radiative transfer can lead to tem-
peratures up to an order of magnitude higher near young low-mass
protostars and, thus, potentially strongly inhibits fragmentation.
Krumholz (2006) made a similar argument analytically. Further-
more, in purely hydrodynamical/sink particles star cluster forma-
tion calculations, many of the brown dwarfs formed originate via
disc fragmentation (e.g. Bate et al. 2002a found that 3/4 of the
brown dwarfs originated from disc fragmentation). Rafikov (2005),
Matzner & Levin (2005), Kratter & Matzner (2006) and Whitworth
& Stamatellos (2006) have all pointed out that accurate treatments
of radiative transfer are likely to significantly decrease disc frag-
mentation. Along with the likely effect of radiative feedback on
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field (third line), and turbulence, magnetic field, and out-
flow feedback (bottom line). In the case with all three ingre-
dients, the star formation rate is kept at ∼ 10% of the free-
fall rate (the dotted line). One implication of these and other
simulations is that the majority of the cluster members may
be formed in a relatively leisurely manner in an outflow-
driven, magnetically-mediated, turbulent state, rather than
rapidly in a free-fall time. Simple analytic estimates by
Nakamura and Li (2011) suggest that outflows should be
able to maintain such low star formation rates over most of
the observed cluster-forming clumps in the Solar neighbor-
hood.

Another implication is that massive stars that formed as
a result of clump collapse are affected by the low-mass stars
that form before them, which regulate the clump dynamics
through outflow feedback. For example, the same simu-
lation that show a reduction in the star formation rate due
to outflow feedback also show that outflows prevent rapid
mass infall towards the massive stars that tend to reside at
the bottom of the gravitational potential of protoclusters.
Outflows can also have important interactions with other
forms of feedback from both low mass and high mass stars,
a topic we defer to Section 5.1.

2.1.2. Observations

Several recent studies have search for observational sig-
natures of the outflow feedback effects described in the pre-
vious section. Even though not all studies use the same
procedure to estimate the molecular outflow energetics and
different studies use different methods to assess the com-
bined impact from all outflows on the cluster gas, there are
some points of consensus. One is that, in the vast majority
of regions, the combined action of all outflows seems to be
sufficient to drive the observed level of turbulence. The sim-
plest method used in observational studies to determine this
has been to compare the total mechanical energy of molec-
ular outflows (i.e., the total kinetic energy of the molecular
gas that has been entrained by the protostellar wind) with
the turbulent energy of the cluster gas. Studies show that
for a number of clusters the current total molecular outflow
energy is ∼ 30% or more of the total turbulent energy (e.g.
Arce et al. 2010; Curtis et al. 2010; Graves et al. 2010;
Duarte-Cabral et al. 2012), yet for other regions the total
outflow energy is just 1− 20% of the total turbulent energy
(e.g. Arce et al. 2010; Narayanan et al. 2012).

Although such simple comparisons are useful to gauge
the relative importance of outflows, they do not necessarily
indicate whether outflows can maintain the observed turbu-
lence. A better way to address this question is by comparing
the total outflow power (Lflow) or mechanical luminosity
(i.e., the rate at which the kinetic energy of molecular out-
flows is injected into their surrounding through entrainment
of molecular gas by the protostellar wind) with the turbulent
energy dissipation rate (Lturb). Although there are many
uncertainties associated with the estimation of both Lflow

and Lturb from observations (e.g. Williams et al. 2003; Arce

Fig. 1.— Three-color image of 30 Doradus: 8 µm (red), Hα
(green), and 0.5 − 8 keV X-rays (blue). White contours show
12CO(1-0) emission. Figure taken from Lopez et al. (2011).

Fig. 2.— The rates of star formation as a function of time for
four simulations of cluster formation of increasing complexity
(adopted from Wang et al. 2010). The curves from top left to
bottom right are for models that include, respectively, neither tur-
bulence nor magnetic field nor outflow feedback, turbulence only,
turbulence and magnetic field, and all three ingredients (see text
for discussion).
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(a) Color scale of the gas density, plotted in logarithmic scale from 10!19 up to 10!15 g cm!3.

(b) 0 kyr (c) 30 kyr

(d) 40 kyr (e) 50 kyr

Fig. 21.—: Simulation snapshots from a collapse of a 120 M! pre-stellar core. All images show the

same scale of the whole pre-stellar core with an initial diameter of 0.2 pc.
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Figure 12. Maps of the four pressure components across 30 Doradus. All four are on the same color scale to enable visual comparison. Consistent with Figure 11, Pdir
dominates in the central few arcminutes, while the PH ii dominates at larger distances from R136.

the hot gas. For this discussion, we will consider stellar winds
only and ignore the contribution by SNe; this assumption is
reasonable given that the mechanical energy of one SN is on
the order of the amount injected by winds over a single massive
star’s lifetime (Castor et al. 1975). This assumption is valid at
the 0.5 Z! of the LMC: simulations of a 5.5 " 104 M! star
cluster in Starburst99 (Leitherer et al. 1999) showed that the
total wind luminosity decreased by roughly a factor of two from
the solar to half-solar metallicity case.

There are several competing theoretical models to account for
the X-ray luminosity in bubbles and superbubbles. The models
of Castor et al. (1975) and Weaver et al. (1977) assume that
the shock-heated gas is completely confined by a cool shell
expanding into a uniform density ISM. An alternative theory
proposed by Chevalier & Clegg (1985) ignores the surrounding
ISM and employs a steady-state, free-flowing wind. Recently,
Harper-Clark & Murray (2009) introduced an intermediate
model between these two, whereby the ambient ISM is non-
uniform. In this case, only some of the hot gas can escape freely
through the holes in the shell.

The fraction of hot gas confined by the shell directly deter-
mines the hot gas pressure on the shell as well as the X-ray
luminosity within the bubble. If the shell is very porous, the
shock-heated gas will escape easily, the wind energy will be
lost from the bubble, and the associated pressure and luminosity
will be low. By comparison, a more uniform shell will trap the
hot gas, retain the wind energy within the bubble, and the corre-
sponding X-ray pressure and luminosity will be much greater.
As such, in the latter case, the shocked winds could have a sig-
nificant role in the dynamics of the H ii region. We note that the
warm gas is not able to leak similarly because its sound speed
is less than the velocities of the shells (20–200 km#1; Chu &
Kennicutt 1994).

To assess whether the hot gas is trapped inside the shell and
is dynamically important, we measure the ratio of the hot gas
pressure to the direct radiation pressure, ftrap,X = PX/Pdir, and
compare it to what ftrap,X would be if all the wind energy was
confined. We can calculate the trapped-wind value using the
wind-luminosity relation (Kudritzki et al. 1999; Repolust et al.
2004), which indicates that the momentum flux carried by winds
from a star cluster is about half that carried by the radiation field
if the cluster samples the entire IMF. Written quantitatively,
0.5 Lbol/c = Ṁwvw, where Ṁw is the mass flux from the winds
that launched at a velocity vw. The mechanical energy loss Lw
of the winds is then given by

Lw = 1
2
Ṁwv2

w = L2
bol

8Ṁwc2
, (8)

and the mechanical energy of the winds is simply Ew = Lwt ,

where t is the time since the winds were launched. Putting these
relations together, the trapped X-ray gas pressure PX,T is

PX,T = 2Ew

3VH ii
= L2

bolt

16!Ṁwc2R3
H ii

, (9)

where VH ii is the volume of the H ii region.
Given that Pdir = Lbol/(4!R2

H iic), then ftrap,X is

ftrap,X = Lbolt

4ṀwcRH ii
= Lbol

4Ṁwcvsh
, (10)

where we have set RH ii/t = vsh, the velocity of the expanding
shell. Finally, we put Ṁw in terms of Lbol and vw, so that
Equation (10) reduces to

ftrap,X = vw

2vsh
. (11)

We use the above equation to obtain an order-of-magnitude
estimate of ftrap,X if all the wind energy is confined by the
shell. We assume a wind velocity vw $ 1000 km s#1 (the
escape velocity from an O6 V star; a reasonable order-of-
magnitude estimate, since O3 stellar winds are faster and WR
winds would be slower than this value). If we set vsh $
25 km s#1 (the expansion velocity over 30 Doradus given by
optical spectroscopy; Chu & Kennicutt 1994), then ftrap,X $ 20.

We can compare this ftrap,X to our observed values for the
regions closest to the shell (the ones along the rim of our 441
squares in Figure 5); Figure 13 shows the histogram of our
observed ftrap,X values. We find a mean and median ftrap,X of
0.30 and 0.27, respectively, for our outermost regions. Over
30 Doradus, the highest values of ftrap,X are near the SNR N157B
in the southwest corner of 30 Doradus (see Figure 14), where
the hot gas is being generated and has not had time to vent.
Other locations where ftrap,X is elevated are regions with strong
X-ray emission and weak H" emission. Morphologically, these
areas could be where the hot gas is blowing out the 30 Doradus
shell.

The observed ftrap,X values are 1–2 orders of magnitude
below what they would be if the wind was fully confined. As
a consequence, we find that PX of our regions is too low to be
completely trapped in the H ii region (the Castor et al. model),
and the X-ray gas must be leaking through pores in the shell.
This result is consistent with the Harper-Clark & Murray model
of partial confinement of the hot gas, and the weakness of PX
relative to Pdir suggests that the hot gas does not play a significant
role in the dynamics of the H ii region.

We note here that our rim regions in this analysis are
$70–130 pc from R136, which is less than the estimated radius
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Figure 10. Map of the hot gas electron density nX (in particles cm!3) across 30 Doradus. These values were obtained by modeling the Chandra X-ray spectra from
each region, which output the best-fit EM. We converted EM to nX using Equation (7).
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dominates at radii !75 pc and follows a Pdir " r!2 relation (the blue solid
line), whereas PH ii dominates at larger distances from R136. PIR and PX do not
appear to contribute significantly.

consistent with our finding (see Section 5.1) that the X-ray gas
does not remain adiabatic and trapped inside the shell. Instead,
the hot gas is either leaking out or is mixing with cool gas and
suffering rapid radiative losses as a result. In either case, the
hot gas is likely to be flowing at a bulk speed comparable to
its sound speed, and thus it will not have time to reach pressure
equilibrium with the cooler gas that surrounds it before escaping
the H ii region. Alternatively, it may be that pressure balance is
established between the warm ionized gas and the ram pressure
of the hot gas, whereas we have only measured the thermal
pressure. This picture is consistent with the anticoincidence of
the warm and hot gas noted by previous X-ray work (e.g., Wang
1999; Townsley et al. 2006a).

In Figure 12, we give the maps of the four pressures across
30 Doradus for our 441 regions. Pdir has a smooth profile due
to its 1/r2 dependence, while PH ii is fairly uniform across
30 Doradus (as expected for a classical H ii region). Compared
to those components, PIR and PX have more variation through-
out the source. Additionally, all the maps have significant en-
hancements in the central regions near R136; in the cases of PIR
and PH ii, the elevated pressures correspond to the molecular
“ridge” in 30 Doradus (as seen in the CO contours in Figure 2).
Additionally, all except Pdir have greater pressures in the regions
near the SNR N157B (the bottom right of the maps).

We can utilize the obtained pressures to estimate the total
energy of each component. In particular, we measure the total
energy density u in a given radius bin of Figure 11 and
multiply by the volume of its shell (where we have set the
shell thickness to the difference of the upper and lower bound
radius of that bin). We convert pressures P to energy densities
u using the relations Pdir = udir, PIR = 1

3uIR, PH ii = 2
3uH ii,

and PX = 2
3uX. Using this approach, we find the following

total energies for each component: Edir = 5.1 # 1053 erg,
EIR = 1.7 # 1053 erg, EH ii = 2.8 # 1053 erg, and EX =
6.5#1052 erg. Therefore, the direct and dust-processed radiation
fields and the warm ionized gas contribute similarly to the
energetics of the region, and every component is !2 orders
of magnitude above the typical kinetic energy of a single SN
explosion.

5. DISCUSSION

5.1. Leakage of the Hot Gas

As mentioned previously, the X-ray emission in 30 Doradus
arises from the shock heating of gas to temperatures of $107 K
by stellar winds and SNe. These feedback processes eventually
carve out large cavities, called bubbles and superbubbles, filled
with diffuse X-ray emission. In Figure 11, we demonstrated that
the pressure associated with the hot gas PX is comparatively low
relative to the other pressure components. Here, we explore the
implications of this result in regard to the trapping/leakage of
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Figure 12. Maps of the four pressure components across 30 Doradus. All four are on the same color scale to enable visual comparison. Consistent with Figure 11, Pdir
dominates in the central few arcminutes, while the PH ii dominates at larger distances from R136.

the hot gas. For this discussion, we will consider stellar winds
only and ignore the contribution by SNe; this assumption is
reasonable given that the mechanical energy of one SN is on
the order of the amount injected by winds over a single massive
star’s lifetime (Castor et al. 1975). This assumption is valid at
the 0.5 Z! of the LMC: simulations of a 5.5 " 104 M! star
cluster in Starburst99 (Leitherer et al. 1999) showed that the
total wind luminosity decreased by roughly a factor of two from
the solar to half-solar metallicity case.

There are several competing theoretical models to account for
the X-ray luminosity in bubbles and superbubbles. The models
of Castor et al. (1975) and Weaver et al. (1977) assume that
the shock-heated gas is completely confined by a cool shell
expanding into a uniform density ISM. An alternative theory
proposed by Chevalier & Clegg (1985) ignores the surrounding
ISM and employs a steady-state, free-flowing wind. Recently,
Harper-Clark & Murray (2009) introduced an intermediate
model between these two, whereby the ambient ISM is non-
uniform. In this case, only some of the hot gas can escape freely
through the holes in the shell.

The fraction of hot gas confined by the shell directly deter-
mines the hot gas pressure on the shell as well as the X-ray
luminosity within the bubble. If the shell is very porous, the
shock-heated gas will escape easily, the wind energy will be
lost from the bubble, and the associated pressure and luminosity
will be low. By comparison, a more uniform shell will trap the
hot gas, retain the wind energy within the bubble, and the corre-
sponding X-ray pressure and luminosity will be much greater.
As such, in the latter case, the shocked winds could have a sig-
nificant role in the dynamics of the H ii region. We note that the
warm gas is not able to leak similarly because its sound speed
is less than the velocities of the shells (20–200 km#1; Chu &
Kennicutt 1994).

To assess whether the hot gas is trapped inside the shell and
is dynamically important, we measure the ratio of the hot gas
pressure to the direct radiation pressure, ftrap,X = PX/Pdir, and
compare it to what ftrap,X would be if all the wind energy was
confined. We can calculate the trapped-wind value using the
wind-luminosity relation (Kudritzki et al. 1999; Repolust et al.
2004), which indicates that the momentum flux carried by winds
from a star cluster is about half that carried by the radiation field
if the cluster samples the entire IMF. Written quantitatively,
0.5 Lbol/c = Ṁwvw, where Ṁw is the mass flux from the winds
that launched at a velocity vw. The mechanical energy loss Lw
of the winds is then given by

Lw = 1
2
Ṁwv2

w = L2
bol

8Ṁwc2
, (8)

and the mechanical energy of the winds is simply Ew = Lwt ,

where t is the time since the winds were launched. Putting these
relations together, the trapped X-ray gas pressure PX,T is

PX,T = 2Ew

3VH ii
= L2

bolt

16!Ṁwc2R3
H ii

, (9)

where VH ii is the volume of the H ii region.
Given that Pdir = Lbol/(4!R2

H iic), then ftrap,X is

ftrap,X = Lbolt

4ṀwcRH ii
= Lbol

4Ṁwcvsh
, (10)

where we have set RH ii/t = vsh, the velocity of the expanding
shell. Finally, we put Ṁw in terms of Lbol and vw, so that
Equation (10) reduces to

ftrap,X = vw

2vsh
. (11)

We use the above equation to obtain an order-of-magnitude
estimate of ftrap,X if all the wind energy is confined by the
shell. We assume a wind velocity vw $ 1000 km s#1 (the
escape velocity from an O6 V star; a reasonable order-of-
magnitude estimate, since O3 stellar winds are faster and WR
winds would be slower than this value). If we set vsh $
25 km s#1 (the expansion velocity over 30 Doradus given by
optical spectroscopy; Chu & Kennicutt 1994), then ftrap,X $ 20.

We can compare this ftrap,X to our observed values for the
regions closest to the shell (the ones along the rim of our 441
squares in Figure 5); Figure 13 shows the histogram of our
observed ftrap,X values. We find a mean and median ftrap,X of
0.30 and 0.27, respectively, for our outermost regions. Over
30 Doradus, the highest values of ftrap,X are near the SNR N157B
in the southwest corner of 30 Doradus (see Figure 14), where
the hot gas is being generated and has not had time to vent.
Other locations where ftrap,X is elevated are regions with strong
X-ray emission and weak H" emission. Morphologically, these
areas could be where the hot gas is blowing out the 30 Doradus
shell.

The observed ftrap,X values are 1–2 orders of magnitude
below what they would be if the wind was fully confined. As
a consequence, we find that PX of our regions is too low to be
completely trapped in the H ii region (the Castor et al. model),
and the X-ray gas must be leaking through pores in the shell.
This result is consistent with the Harper-Clark & Murray model
of partial confinement of the hot gas, and the weakness of PX
relative to Pdir suggests that the hot gas does not play a significant
role in the dynamics of the H ii region.

We note here that our rim regions in this analysis are
$70–130 pc from R136, which is less than the estimated radius
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consistent with our finding (see Section 5.1) that the X-ray gas
does not remain adiabatic and trapped inside the shell. Instead,
the hot gas is either leaking out or is mixing with cool gas and
suffering rapid radiative losses as a result. In either case, the
hot gas is likely to be flowing at a bulk speed comparable to
its sound speed, and thus it will not have time to reach pressure
equilibrium with the cooler gas that surrounds it before escaping
the H ii region. Alternatively, it may be that pressure balance is
established between the warm ionized gas and the ram pressure
of the hot gas, whereas we have only measured the thermal
pressure. This picture is consistent with the anticoincidence of
the warm and hot gas noted by previous X-ray work (e.g., Wang
1999; Townsley et al. 2006a).

In Figure 12, we give the maps of the four pressures across
30 Doradus for our 441 regions. Pdir has a smooth profile due
to its 1/r2 dependence, while PH ii is fairly uniform across
30 Doradus (as expected for a classical H ii region). Compared
to those components, PIR and PX have more variation through-
out the source. Additionally, all the maps have significant en-
hancements in the central regions near R136; in the cases of PIR
and PH ii, the elevated pressures correspond to the molecular
“ridge” in 30 Doradus (as seen in the CO contours in Figure 2).
Additionally, all except Pdir have greater pressures in the regions
near the SNR N157B (the bottom right of the maps).

We can utilize the obtained pressures to estimate the total
energy of each component. In particular, we measure the total
energy density u in a given radius bin of Figure 11 and
multiply by the volume of its shell (where we have set the
shell thickness to the difference of the upper and lower bound
radius of that bin). We convert pressures P to energy densities
u using the relations Pdir = udir, PIR = 1

3uIR, PH ii = 2
3uH ii,

and PX = 2
3uX. Using this approach, we find the following

total energies for each component: Edir = 5.1 # 1053 erg,
EIR = 1.7 # 1053 erg, EH ii = 2.8 # 1053 erg, and EX =
6.5#1052 erg. Therefore, the direct and dust-processed radiation
fields and the warm ionized gas contribute similarly to the
energetics of the region, and every component is !2 orders
of magnitude above the typical kinetic energy of a single SN
explosion.

5. DISCUSSION

5.1. Leakage of the Hot Gas

As mentioned previously, the X-ray emission in 30 Doradus
arises from the shock heating of gas to temperatures of $107 K
by stellar winds and SNe. These feedback processes eventually
carve out large cavities, called bubbles and superbubbles, filled
with diffuse X-ray emission. In Figure 11, we demonstrated that
the pressure associated with the hot gas PX is comparatively low
relative to the other pressure components. Here, we explore the
implications of this result in regard to the trapping/leakage of
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ṗt! > Mvvirial
!

! < ftrap!L/M!"/(Gc) # ftrap · 1 g cm"2

H"BC"e*1%f#5??'#5EB#CF51%6C1B?%'?C1D%N8l
0)"15%@"FC?c%C1%f#5f]
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Figure 12. Maps of the four pressure components across 30 Doradus. All four are on the same color scale to enable visual comparison. Consistent with Figure 11, Pdir
dominates in the central few arcminutes, while the PH ii dominates at larger distances from R136.

the hot gas. For this discussion, we will consider stellar winds
only and ignore the contribution by SNe; this assumption is
reasonable given that the mechanical energy of one SN is on
the order of the amount injected by winds over a single massive
star’s lifetime (Castor et al. 1975). This assumption is valid at
the 0.5 Z! of the LMC: simulations of a 5.5 " 104 M! star
cluster in Starburst99 (Leitherer et al. 1999) showed that the
total wind luminosity decreased by roughly a factor of two from
the solar to half-solar metallicity case.

There are several competing theoretical models to account for
the X-ray luminosity in bubbles and superbubbles. The models
of Castor et al. (1975) and Weaver et al. (1977) assume that
the shock-heated gas is completely confined by a cool shell
expanding into a uniform density ISM. An alternative theory
proposed by Chevalier & Clegg (1985) ignores the surrounding
ISM and employs a steady-state, free-flowing wind. Recently,
Harper-Clark & Murray (2009) introduced an intermediate
model between these two, whereby the ambient ISM is non-
uniform. In this case, only some of the hot gas can escape freely
through the holes in the shell.

The fraction of hot gas confined by the shell directly deter-
mines the hot gas pressure on the shell as well as the X-ray
luminosity within the bubble. If the shell is very porous, the
shock-heated gas will escape easily, the wind energy will be
lost from the bubble, and the associated pressure and luminosity
will be low. By comparison, a more uniform shell will trap the
hot gas, retain the wind energy within the bubble, and the corre-
sponding X-ray pressure and luminosity will be much greater.
As such, in the latter case, the shocked winds could have a sig-
nificant role in the dynamics of the H ii region. We note that the
warm gas is not able to leak similarly because its sound speed
is less than the velocities of the shells (20–200 km#1; Chu &
Kennicutt 1994).

To assess whether the hot gas is trapped inside the shell and
is dynamically important, we measure the ratio of the hot gas
pressure to the direct radiation pressure, ftrap,X = PX/Pdir, and
compare it to what ftrap,X would be if all the wind energy was
confined. We can calculate the trapped-wind value using the
wind-luminosity relation (Kudritzki et al. 1999; Repolust et al.
2004), which indicates that the momentum flux carried by winds
from a star cluster is about half that carried by the radiation field
if the cluster samples the entire IMF. Written quantitatively,
0.5 Lbol/c = Ṁwvw, where Ṁw is the mass flux from the winds
that launched at a velocity vw. The mechanical energy loss Lw
of the winds is then given by

Lw = 1
2
Ṁwv2

w = L2
bol

8Ṁwc2
, (8)

and the mechanical energy of the winds is simply Ew = Lwt ,

where t is the time since the winds were launched. Putting these
relations together, the trapped X-ray gas pressure PX,T is

PX,T = 2Ew

3VH ii
= L2

bolt

16!Ṁwc2R3
H ii

, (9)

where VH ii is the volume of the H ii region.
Given that Pdir = Lbol/(4!R2

H iic), then ftrap,X is

ftrap,X = Lbolt

4ṀwcRH ii
= Lbol

4Ṁwcvsh
, (10)

where we have set RH ii/t = vsh, the velocity of the expanding
shell. Finally, we put Ṁw in terms of Lbol and vw, so that
Equation (10) reduces to

ftrap,X = vw

2vsh
. (11)

We use the above equation to obtain an order-of-magnitude
estimate of ftrap,X if all the wind energy is confined by the
shell. We assume a wind velocity vw $ 1000 km s#1 (the
escape velocity from an O6 V star; a reasonable order-of-
magnitude estimate, since O3 stellar winds are faster and WR
winds would be slower than this value). If we set vsh $
25 km s#1 (the expansion velocity over 30 Doradus given by
optical spectroscopy; Chu & Kennicutt 1994), then ftrap,X $ 20.

We can compare this ftrap,X to our observed values for the
regions closest to the shell (the ones along the rim of our 441
squares in Figure 5); Figure 13 shows the histogram of our
observed ftrap,X values. We find a mean and median ftrap,X of
0.30 and 0.27, respectively, for our outermost regions. Over
30 Doradus, the highest values of ftrap,X are near the SNR N157B
in the southwest corner of 30 Doradus (see Figure 14), where
the hot gas is being generated and has not had time to vent.
Other locations where ftrap,X is elevated are regions with strong
X-ray emission and weak H" emission. Morphologically, these
areas could be where the hot gas is blowing out the 30 Doradus
shell.

The observed ftrap,X values are 1–2 orders of magnitude
below what they would be if the wind was fully confined. As
a consequence, we find that PX of our regions is too low to be
completely trapped in the H ii region (the Castor et al. model),
and the X-ray gas must be leaking through pores in the shell.
This result is consistent with the Harper-Clark & Murray model
of partial confinement of the hot gas, and the weakness of PX
relative to Pdir suggests that the hot gas does not play a significant
role in the dynamics of the H ii region.

We note here that our rim regions in this analysis are
$70–130 pc from R136, which is less than the estimated radius
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Figure 18. Ratio of pressure from integrated star light to gas pressure.
(A color version of this figure is available in the online journal.)

in IFs 4 and 6. To determine importance of the radiation field
in setting the gas pressure and density we compare Pgas to the
pressure from integrated starlight, Pstars.

To calculate the observed Prad we use our values of U. While
there is significant uncertainty in the true geometry of 30 Dor,
there is much less uncertainty in the ionization parameter U.
Accounting for the inclination angle, U is given by

U = Q0

4!r2
truecnH

cos " (6)

or in terms of the model parameter r0

U = Q0

4!r2
0 cnH

, (7)

recovering Equation (1). Although the degeneracy between the
distance to the illuminated face and the inclination angle remains
unresolved, the solution for the ionization parameter is unique.

The pressure due to the momentum which the ionized gas
has absorbed from the incident photons can be approximated in
terms of U by

Pstars = UnH !h#" LBol

Lionizing
, (8)

where !h#" # 20eV is the average energy per photon of the
SED and LBol/Lionizing is the ratio of the bolometric luminosity
to the ionizing luminosity. This approximation, which assumes
that the optical depth to ionizing radiation is greater than unity,
implies that 25% of the momentum in the radiation field will
be transformed into pressure. However, much of the remaining
momentum carried by the stellar radiation (i.e., that in the non-
ionizing UV light) can still be absorbed by gas beyond the IF.
For optically thick gas illuminated by the SED that we find here,
80% of the momentum carried by photons will be transformed
into pressure on the shielded molecular gas, so we use the total
luminosity LBol to calculate the radiation pressure.

We next compare the observed thermal pressure to the derived
radiation pressure. Figure 18 shows a map of log(Pstars/Pgas).
There is a very strong correlation between the gas pressure
and the radiation pressure within the highly ionized region,
indicating that the radiation pressure is having a strong effect.
Here, the radiation pressure is approximately equal to the total
gas pressure. Outside of the highly ionized region around
NGC 2070, this ratio drops below 1/3. For example, in the
outlying IF 4 and IF 6, the radiation pressure is equal to 0.25 of
the gas pressure.
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Figure 19. Observed gas density vs. modeled ionization parameter U.

From this it is clear that while in the high-pressure ring the
effect of direct radiation pressure is likely to be quite important,
it is negligible outside of that region (i.e., for rprojected > 10 pc).
This dichotomy can be seen in the plot of electron density versus
U in Figure 19. Two populations are evident. The first shows a
correlation between ne and U in the region near the cluster. This
is a scaled up and more complicated form of the scaling between
density and U found in the Orion Nebula by Baldwin et al. (1991)
and by Wen & O’Dell (1995). The second population has no
correlation between density and radiation pressure suggestive
that another important physical process is in equilibrium with
the gas pressure, such as the X-ray emitting plasma.

3.2.2. Pressure from the Hot X-Ray-emitting Gas

Since the H ii region is thought to be in direct contact with
the X-ray plasma, we expect the measured and modeled Pgas to
correlate with PX-ray. In our studies of M17 and Orion (Pellegrini
et al. 2007; P09), we found that the O-stars contribute to the
dynamics via stellar winds that thermalize with the existing
106–107 K plasma. This hot plasma will either escape into the
ISM or be confined by the surrounding molecular cloud. In the
latter case, the pressure associated with this gas is thought to
form the bubbles and cavities that characterize the central parts
of many H ii regions.

In 30 Dor, this situation is made much more complicated
because of the many SNe that presumably have also contributed
to the hot gas. The definitive study of the diffuse X-ray emitting
structures in 30 Dor is by Townsley et al. (2006), who identified
17 unique X-ray emitting regions that lie within the area covered
by our spectroscopic maps. For each region, Townsley et al.
gave the temperature, the absorption-corrected luminosity, and
the area on the sky. If we make the working assumption
that the volume containing each region is spherical, we can
compute a volume density and then a gas pressure PX-ray for the
X-ray emitting gas in each region. PX-ray will be the sum of the
mechanical energy input from stellar winds and SNe. PX-ray is
shown in Figure 20 in cgs units and listed in Table 4.

Figure 20 can be divided into three regions of systematically
different pressure. The region with the highest pressure is
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Figure 20. PX-ray, in units dyne cm!2, from the regions of diffuse X-ray
emission described in Townsley et al. (2006). The pressure was calculated
using the reported TX-ray, surface brightness, and area.
(A color version of this figure is available in the online journal.)

Table 4
X-Ray Pressure of Selected Regions in 30 Doradus

Region Number Pressurea

Townsley et al. (2006)

1 1.7
2 1.3
3 3.0
4 10.2
5 7.9
6 10.0
7 13.4
8 7.9
9 7.2

10 5.8
12 5.0
13 6.0
14 6.6
15 5.6
16 2.8
17 2.4
20 3.0
22 1.5
24 1.4

Note. a Units of 10!10 dyne cm!2.

located inside the circular cavity visible in H! to the east of
NGC 2070. It is elongated to the NE and is relatively small.
PX-ray within this bubble is approximately 10!9 dyne cm!2.
This central region is surrounded by the bright optical arcs in
which the total pressure may be enhanced due to the presence of
interacting stellar winds. The two other regions to the east and
west of the central bubble have systematically lower pressures,
5 " 10!10 and 2 " 10!10 dyne cm!2, respectively. We caution
that these estimates depend on the volume according to P #
V1/2. Our assumptions about the geometry could be affected by
a massive molecular cloud seen in 12CO maps (Poglitsch et al.
1995). It is unlikely the hot X-ray emitting gas to the east of
NGC 2070 is a sphere. If it were more flat, like a pancake, the
line-of-sight depth would be much lower than what we have
reported, so the pressures are uncertain by a factor of three or
so. This means that the two lower-pressure regions mentioned
above could actually be in pressure equilibrium.

The energy stored in the X-ray emitting gas is very large. The
cooling time for X-ray emitting gas is approximately " cool =

log PX-ray/Pgas
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Figure 21. Ratio of PX-ray to Pgas.
(A color version of this figure is available in the online journal.)

ne kT/" ne
2. For " = 5 " 10!23 erg cm!3 s!1, the estimated

emissivity at kT = 0.5 keV for the composition we have derived
for 30 Dor (Landi & Landini 1999). This cooling time is of the
order " cool $ 17 Myr. This is longer than the oldest episode of
intense star formation. As a result confined plasma will remain
at X-ray emitting temperatures for the typical lifetime of a few
million years for an H ii region, at which time the molecular
cloud will be dispersed. Therefore the heat energy currently
stored in the X-ray emitting gas could have been accumulated
over the lifetime of the star cluster.

The X-ray bubbles do not absorb Lyman continuum radiation.
Collisionally ionized gas at a temperature 0.5 keV has a neutral
H fraction of log(n(H0)/n(H)) = !6.06. We also checked to
make sure that the X-ray emitting gas does not prevent ionizing
radiation from reaching the outer parts of the 30 Dor nebula.
Assuming a typical hydrogen density nH = 0.14 cm!3, the
optical depth to ionizing radiation over the distance r = 50 pc
to IF4 (the conspicuous edge-on IF that forms the outer wall of
the large cavity to the E of R136) is " = n(H0) r # = 1.1 "
10!4, where # is the photoionization cross section of hydrogen
equal to 6 " 10!18 cm2. Although the X-ray emitting gas has a
big effect on the dynamics of the H ii region, it does not impede
the stars from providing the ionization.

IF 4 seems to be a clear example of a place where the
X-ray pressure is dominant. The gas pressure along the wall
is 5.8 " 10!10 dyne cm!2. The expected contribution from
stars in the form of radiation pressure at that distance is
2.8 " 10!11 dyne cm!2. The other observed pressure source
in the region is the diffuse X-ray emitting gas. X-ray Region
12 of Townsley et al. (2006) seems to fill the cavity that is
bounded by IF4. Using the observed surface brightness and
assuming a spherical geometry, we estimate the electron density
of the hot gas to be equal to 0.14 cm!3. Using the temperature
reported for Region 12, the thermal X-ray pressure is equal to
5 " 10!10 dyne cm!2, in close agreement with the measured
pressure in the wall. In Figure 21, we show the ratio of the
X-ray to gas pressure. Aside from the IFs southwest and
northeast of NGC 2070 that outline the molecular cloud, the
ratio of PX-ray/Pgas is between 1 and 10 for the entire region.
Given the uncertainty in the assumptions regarding the geometry
of the X-ray-emitting gas and how it affects PX-ray, the typical
PX-ray/Pgas ratio is higher than 1. Except in the inner regions, the
pressure in the H + zone clearly is set by PX-ray, which dominates
the EOS by an order of magnitude and is likely driving the
current outflows, expansion, and compression of the remaining
molecular material.
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Figure 4. Examples of HRDS target morphological classifications (see Table 1). Each panel shows a three-color image constructed from Spitzer infrared data:
MIPSGAL 24 µm (red), GLIMPSE 8.0 µm (green), and GLIMPSE 3.6 µm (blue). The HRDS morphological classification is based on the target’s appearance in the
8.0 µm image. Each image is 10! square and the 82!! GBT beam is shown in the lower left corner. It is evident that the 8.0 µm emission always extends beyond that of
the 24 µm emission.

give some indication of the evolutionary state of HRDS targets.
The method we use to associate the maser and CS positions
with the HRDS targets, as well as the implications of these
associations for the HRDS targets are discussed in Section 4.5.
Sources observed but not detected in CS are listed as “ND.” The
Table 1 maser velocity is that of the emission component with
the highest intensity.

Images of some example HRDS targets are shown in
Figure 4. They are made from Spitzer survey data: MIPSGAL
24 µm (red), GLIMPSE 8.0 µm (green), and GLIMPSE 3.6 µm
(blue). HRDS targets are often found in complex IR environ-
ments and they have a wide range of sizes and morphologies.
Figure 4 shows examples of all the different morphological
classifications found in Table 1. For nearly all the angularly
resolved HRDS H ii regions, the 24 µm emission lies interior
to the 8.0 µm emission. This appears to be the MIR signa-
ture of Galactic H ii regions. Three-color Spitzer images such as
Figure 4 can thus be used to find H ii region candidates with high
reliability. The most striking examples of this phenomenon are
the GLIMPSE “bubbles” (see Section 4.3).

We detected 603 discrete hydrogen RRL components from
the 448 HRDS targets. The RRL data are given in Table 2,
which lists the source name, the Galactic longitude and latitude,
the line intensity, the FWHM line width, the LSR velocity, and
the rms noise in the spectrum. The errors given in Table 2 for the
fitted line parameters are the 1! uncertainties from the Gaussian
fitting. For sources with multiple velocity components detected
along the line of sight, the source names are given additional
letters, “a,” “b,” “c,” or “d,” in order of decreasing peak line
intensity.

The HRDS radio continuum catalog data is given in Table 3,
which lists the source name, the Galactic longitude and latitude,
the peak intensity in the R.A. and decl. scan directions, the
FWHM angular size in the R.A. and decl. directions, and the
integrated flux density derived using Equation (1). For sources
better approximated by multiple Gaussians, the angular size
listed is the maximum extent of the multi-component composite
source and the intensity is that for a single Gaussian component,
which is determined by this width and the integrated flux density
(see Section 3.2). Such “complex” objects are identified by a
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Figure 1. Schematic figures of protostars with different accretion geometries: (a) spherically symmetric accretion and (b) cold disk accretion. In the spherical case
(a), the accretion flow directly hits the stellar surface forming an accretion shock front. If the flow is optically thick before reaching the surface, the photosphere is
located outside the stellar surface. Dust grains in the accretion envelope evaporate in a dust destruction front far outside the photosphere. In the cold disk accretion
case (b), gas predominantly accretes onto a circumstellar disk rather than the star. Accreting material settles onto the stellar surface through a geometrically thin layer
(or possibly through geometrically thin accretion columns—not shown). Heat brought into the star in the accretion flow radiates freely into space until the temperature
attains the photospheric value. Most of the stellar surface is unaffected by the accretion flow. The energy radiated away by the disk and/or accretion columns before
the material settles onto the star (the so-called accretion luminosity) needs to be accounted for separately from the intrinsic stellar luminosity.
(A color version of this figure is available in the online journal.)

Different geometries of the accretion flow will lead to dif-
ferent structures of the evolving protostar. For example, the
average entropy in the stellar interior reflects the history of en-
tropy brought into the star with the accreting material, which in
turn depends on the accretion geometry. For spherical accretion
at high accretion rates, the accretion shock front is embedded
inside the stellar photosphere and most of the high entropy cre-
ated at the accretion shock front is carried to the stellar surface.
This entropy is efficiently taken into the stellar interior with
high accretion rates (Paper I). As a result, the protostar has
a higher average entropy (compared to a non-accreting proto-
star), which leads to a very large radius—exceeding 100 R!
at maximum. With disk accretion, however, entropy is mainly
generated within the disk by viscous dissipation. Before the ac-
creted material reaches the stellar surface, a large fraction of
the generated entropy will be transported away by radiation. As
a result, entropy brought into the star with the accreting mate-
rial is significantly lower than in the spherical accretion case.
The average entropy within the star s is related to the stellar
radius as

R" # M$1/3
" exp[const. % s]. (4)

This relation is derived by substituting the typical gas density
and pressure within a star of mass M" and radius R" (e.g., Cox
& Giuli 1968),

! & M"

R3
"
, P & G

M2
"

R4
"

, (5)

to the definition of specific entropy of ideal monotonic gas,

s = 3R
2µ

ln
!

P

!5/3

"
+ const., (6)

where R is the gas constant and µ is the mean molecular
weight. Equation (4) demonstrates that, for the same stellar
mass, the stellar radius is larger with the higher average entropy
in the stellar interior. Thus, we can naively expect that the
stellar radius is reduced with disk accretion. Contrary to this
expectation, however, calculations by YB08, adopting the cold
disk accretion, show that the radius of a massive protostar
exceeds 100 R! at maximum as with the spherical accretion.
The goal of this paper is to explain why the outcomes are so
similar among the extreme cases of the spherical accretion and
cold disk accretion.

2.2. Cases Considered

Table 1 summarizes the cases considered in this study and
their input parameters. For simplicity, the protostellar evolution
is calculated with a constant given accretion rate for each
case. The adopted accretion rates range from 10$5 M! yr$1

up to 4 % 10$3 M! yr$1. Evolution for the accretion rate
Ṁ" = 10$3 M! yr$1 is studied in detail. In addition to evolution
with cold disk accretion, we present several cases with spherical
accretion for comparison. Evolution via disk accretion at the
rates Ṁ" = 10$5 M! yr$1 and 10$4 M! yr$1 was also studied
by Palla & Stahler (1992). We consider protostellar evolution
with these low rates to compare our results with Palla & Stahler’s
results (see Appendix B.1).

The initial model in each case is constructed following
Stahler et al. (1980) or Palla & Stahler (1991) with the adopted
accretion rate and boundary conditions (also see Appendices
A.2 and B.2 in Paper I). The initial stellar mass M",0 is
taken as an arbitrary small value. The initial entropy profile
in the stellar interior is assumed as a function of the mass
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Figure 7. Effects of deuterium burning on protostellar evolution. The upper
and lower panels show the evolution via disk and spherical accretion for
Ṁ! = 10"3 M# yr"1. In both panels, the thick solid line represents the stellar
radius. The hatched area denotes a layer with active deuterium burning, where
the energy production rate is larger than 0.1LD,st/M!. In the upper panel, the
dashed lines show the evolution of the stellar radius after turning off deuterium
burning at 3, 4, and 6 M#, respectively, which are indicated by open circles. In
the lower panel, the dashed line shows the evolution with no deuterium burning
from the beginning.

3.2.2. Dependence on Initial Models

Next, we examine how the protostellar evolution changes
with different initial models. To this end, we consider two
initial models that differ from the fiducial one. One is a 0.1 M#
star with a shallower initial entropy distribution (! = 0.1 in
Equation (7); case MD3-D-b0.1). The other is a fully convective
1.3 M# star (case MD3-D-cv), which was used by Palla &
Stahler (1992) to calculate the evolution at Ṁ! = 10"4 M# yr"1

via cold disk accretion. Figure 9 shows the evolution of
stellar radius and maximum temperature in these cases. The
basic evolution is similar. A protostar undergoes swelling
and contraction, finally reaching the main-sequence accretion
phase when M! $ 30 M#. However, the evolution differs
quantitatively for the different initial models. For example,
the maximum stellar radius is $ 400 R# for case MD3-D-
b0.1, but $ 30# for case MD3-D-cv (the evolution of the
interior structure in these cases also differs slightly from that
for case MD3-D described in Section 3.2; see Appendix A for
details).

This is in stark contrast to the spherical accretion case, where
the evolution is almost independent of the different initial mod-

Figure 8. Evolution of radial profiles of specific entropy and luminosity after
turning off deuterium burning at the point when M! = 4 M#. The lines labeled
4 M# show the profiles just before turning off deuterium burning. The thin
dashed lines in the upper panel show the entropy profiles for M! = 6 M# and
9 M# in the fiducial case with deuterium burning.

els. For spherically symmetric accretion, the evolution of stellar
radius in the adiabatic accretion phase is well approximated by
the relation (Stahler et al. 1986)

R! $ 26R#

!
M!

M#

"0.27 !
Ṁ!

10"3 M# yr"1

"0.41

. (16)

Our calculated evolution with spherical accretion (case MD3-S)
also obeys this relation before the swelling occurs. Stahler et al.
(1986) showed that the evolution of the radius converges to
the above relation even when beginning with different initial
models. With spherical accretion, entropy generated at an
accretion shock front is taken into the stellar interior along
with the accreted gas. If the initial radius is too large compared
to Equation (16), the accretion shock front is weak due to the
shallow gravitational potential well. The entropy produced at
the accretion shock front is reduced, which decreases average
entropy within the star. As a result, the protostar contracts. If
the initial radius is too small, the opposite occurs, increasing
the radius. With disk accretion, however, this regulation process
does not operate. The entropy of the accreted material is set
to the value in the stellar atmosphere. Since the structure of
the stellar atmosphere differs with different initial models, the
subsequent evolution also changes (also see Hartmann et al.
1997 for low-mass protostars).

How should we choose the initial model? We infer this by
considering the evolution of accretion flow toward the protostar.
Just after a protostar is born, the protostar gathers material
from its immediate vicinity with low angular momentum. The
geometry of the accretion flow is nearly spherical in this
early phase. Afterward, gas originally far from the star falls
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models. With spherical accretion, entropy generated at an
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to Equation (16), the accretion shock front is weak due to the
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the accretion shock front is reduced, which decreases average
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the radius. With disk accretion, however, this regulation process
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Figure 11. Mass functions of sink particles at three epochs in the medium–pressure calculation (top row) and the high–pressure
calculation (bottom row).

5.3 Sink particles and oligarchic accretion

Once the p–cores start to become bound, they collapse and
form sink particles and the mass function is more easily fol-
lowed by tracing the masses of the sinks themselves, shown
in Figure 11. We see that the sink–particle mass functions
rapidly come to resemble the clump mass functions pre-
sented in the previous section, since there are, by the epoch
of sink–formation, very few clumps that are not bound and
collapsing. The sink mass functions become ever more top–
heavy, and even the high–mass end of the mass function loses
its power–law slope. We note that the medium–pressure
mass function peaks at a mass of ! 80M!, corresponding to
the mass associated with the most unstable wavenumber of
l ! 25 from Figure 3.

Implicit in the thin–shell model is the assumption that
a single perturbation will produce a single collapsed object
whose mass is proportional to the mass of the perturbation,
which in turn is given by !2!/16, where ! is the perturba-
tion wavelength and ! is the mean shell surface density at
the time when the fragment collapses. In this picture, the
accretion rate onto each collapsed object thus rises to a peak
and falls back down to zero. On the contrary, as shown in
Figure 12, we find that, although the accretion rate onto
a given sink is a maximum at the time of the sink parti-
cle’s formation and the accretion rate tails o", for most sink
particles it never falls to zero and they continue accreting
for the duration of the simulation so that, as shown in Fig-
ure 13, sink masses are approximately proportional to their

ages. We find that for most sink particles, the time–averaged
accretion rate is a strong function of neither age nor mass.
The uniformity in the accretion rates of the sink particles
is a consequence of the fact that most of them form in the
period of time when the shell is almost stationary at its max-
imum radius, so that most sinks are born embedded in gas
of the same density. Since the shell and the sinks are not
in relative motion, the rate of accretion onto a given sink is
determined only by the local freefall time, which is in turn
the same throughout the shell at any given time.

In Figure 14, we show the rate of sink particle formation
and the cumulative number of sink particles as functions of
time in the simulation. The number initially rises strongly
before beginning to tail o" around 23 Myr. We showed in
Figure 9 that, as the first p–cores become bound, the to-
tal number of p–cores stabilises. The final number of sink
particles in Figure 14 is very similar to the final number of
p–cores, and the tailo" in the rate of sink–formation appears
to be due simply to the fact that there are only a finite num-
ber of cores available from which to form sink particles. The
top–heavy form of the mass function is then a consequence
of the early pulse of sink–particle formation coupled with
the fact that all sink particles share a common environment
and thus accrete at comparable rates. We refer to this pro-
cess as oligarchic accretion, since it is the sink particles that
form first that accrete most of the shell’s mass.
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Figure 4. Time sequence of surface-density images showing the evolution of the
fiducial cloud when it is exposed to a relatively high ionizing flux (Simulation 6,
!LyC = 3 ! 1011 cm"2 s"1). Note the overall narrow V-shape of the ionization
front bounding the exposed side of the cloud, and the sharp density peak at the
apex of the cloud pointing toward the ionizing star. t/Myr is given in the top
right-hand corner of each frame. The color bar gives log10("/g cm"2), where "
is the surface density, and the axes are in pc.
(A color version of this figure is available in the online journal.)

the ionization front and collapse of the cloud triggered by
the shock front. Provided the ionizing flux is not too large,

!LyC ! 3 ! 1011 cm"2 s"1, at least some of the cloud ends
up in newly formed stars. However, if the ionizing flux is very
large, the cloud is rapidly dispersed, with no star formation.
All simulations are followed until all the cloud gas is either in
newly formed stars, or has been ionized and dispersed. The time
at which the first star forms is denoted by t!. We limit further
discussion to the cases in which star formation occurs, namely
those with IDs 1–6 in Table 1.

4.1.2. Phenomenology of Star Formation for Low Ionizing Fluxes

If the incident ionizing flux is at the low end of the range
for triggered star formation, the shock front driven into the ex-
posed side of the cloud is weak, and it sweeps up matter rather
slowly. Consequently, long before the shock front reaches the
center of the cloud, the pancake-shaped layer of swept-up gas
becomes sufficiently massive to contract laterally due to its own
self-gravity. As the material in the layer converges on the axis
of symmetry, the increase in pressure deflects the inward flow
toward the center of the cloud, creating a dense filament down
the axis of symmetry. It is in this filament that star forma-
tion first occurs, usually at a point well behind the ionization
front and toward the center of the cloud. For these relatively
low ionizing fluxes, the ionization front on the exposed side of
the cloud develops a U-shaped structure. Figure 3 is a time
sequence of column-density images for Simulation 1, illustrat-
ing these morphological features, and terminating at the moment
the first star forms.

4.1.3. Phenomenology of Star Formation for High Ionizing Fluxes

If the incident ionizing flux is at the high end of the range for
triggered star formation, the shock front driven into the exposed
side of the cloud is strong, and it sweeps up matter rather rapidly.
As a result the swept-up layer becomes sufficiently massive
to fragment, before it has had time to undergo much lateral
contraction under its own self-gravity, and therefore before there

Figure 5. Surface-density images of the fiducial cloud at the moment the first star forms, t!, for different ionizing fluxes, as given in Table 1: top row, left to right,
Simulations 1, 2, and 3; bottom row, left to right, Simulations 4, 5, and 6. t!/Myr is given in the top right-hand corner of each frame. The location of the first star is
marked with a dark blue dot. The color bar gives log10("/g cm"2), where " is the surface density, and the axes are in pc.
(A color version of this figure is available in the online journal.)
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Figure 17. Bubble MWP1G338393+001277, the MWP bubble with the highest number of associated RMS young stellar sources within
2 radii (Re!=6!) from its center, which was found to enclose the newly discovered massive cluster Mercer 81 at a distance of 11±2
kpc (Davies et al. 2012). The image was created from 4.5/8.0/24.0µm images from the Spitzer GLIMPSE/MIPSGAL surveys. Additional
MWP-L bubbles in the field are also shown as ellipses. RMS sources are shown with + (YSOs), squares (H ii regions) and diamonds
(di!use H ii regions).

high level of clustering of MYSOs and H ii regions and
the bubbles, reflecting the clustered mode of massive star
formation on the one hand, and indicating a strong as-
sociation of bubbles with massive star formation activity
on the other.
The largest (and thickest) bubbles in the MWP sam-

ple show a statistically significant overdensity of young
stellar sources near their rims. A qualitative analysis
of timescales for bubble expansion and shell fragmenta-
tion indicates that these large bubbles are likely to be
old enough to have caused the collapse of their dense
shells. While our analysis cannot prove or disprove the
occurrence of triggered star formation in these regions,
the finding supports a collect & collapse-driven mode of
triggered star formation on the rim of expanding bubbles.
We find that 67±3% of the RMS young stellar sources lie
within 2 radii of a MWP bubble, and 22±2% lie within
0.8-1.6 radii.
The most important caveats of this result are related

to the uncertainty on the bubble-YSO separation, due
to the astrometric precision and extended sizes of the
sources in both catalogs, the geometric approximation
used for the bubble sizes, and the uncertainty in source
types for the RMS sources. Thus we are unable to dis-
tinguish between those RMS sources that are coincident
with bubbles versus those that are potentially triggered
nearby. The interpretation of the results is limited by
the lack of MWP bubble distances and the complexity of
characterising bubble physical sizes and ages.
Whereas many studies of triggered star formation have

focused on detection of star formation activity in known
star forming regions, the analysis presented here shows
how statistical methods can be used to identify potential
regions of triggering in an unbiased way. The indepen-

dent recovery of a recently discovered massive cluster at
11±2 kpc with AV ! 45 ± 15, Mercer 81, by closer in-
vestigation of a strong bubble-MYSO association alone
demonstrates the potential of statistical comparisons of
large-scale multi-wavelength Galactic surveys - not just
for the study of Galactic-scale star formation, but for the
discovery of stellar clusters to large distances.
The advent of data from large-scale Galactic surveys at

infrared, submillimeter and millimeter wavelengths (e.g.
WISE, Wright et al. 2010; ATLASGAL, Schuller et al.
2009; and HiGAL, Molinari et al. 2010) o!er the exciting
prospect of extending such statistical studies to longer
wavelengths and larger areas of the Galaxy, allowing for
a more complete census of Galactic star formation and
a more comprehensive view on the lifecycle of molecular
material in the Milky Way. This was recently illustrated
using ATLASGAL survey data by Beuther et al. (2012).
Finally, it is important to note that the ability, pro-

vided by the MWP’s large catalog, to constrain the cor-
relation function of bubbles provides a stringent test for
future models of triggered star formation. Given appro-
priate assumptions or measurements of the age of a pop-
ulation of YSOs and young stars a model of triggering
that includes estimates of e"ciency and an expansion
of the bubbles should predict the form of the observed
correlation function.

7. CODE

The main body of code to perform the correlation
and auto-correlation analyses presented in this paper was
written in Python version 2.6, and is available online via
the journal. In addition, it is freely available for down-
load as a public Github repository webpage10. We invite

10 https://github.com/skendrew
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FIG. 1.— 3-color Spitzer image of NGC 2467: Red is MIPS 24 µm, green is IRAC 8.0 µm, and blue is IRAC 4.5 µm. Red, yellow, and green Xs show locations
of Class 0/I, Class I/II, and Class II protostars, respectively, and blue squares mark the locations of known OB stars in the region. The dashed line shows the
location of the HST ACS FOV, as seen in Figures 6 and 7. A scale of 1! is labeled in the figure. This line corresponds to a distance of 1.2 pc given the assumed
distance of 4.1 kpc to the region.

FIG. 2.— IRAC color-color diagram for NGC 2467, showing YSO clas-
sification of IRAC detected sources. Color criteria taken from Allen et al.
(2004), and Whitney et al. (2003 & 2004b).

Using the flux limits from our Spitzer observations, we cal-
culated the fraction of the total 200,000 SED models from

FIG. 3.— IRAC and MIPS color-color diagram for NGC 2467, showing
YSO classification of the MIPS 24 µm detected sources. Color criteria taken
from Whitney et al. (2003a, 2003b, & 2004b) and Reach et al. (2004).

Robitaille et al. (2006) that we would have been able to de-
tect. Our calculated flux limits were based on our three-sigma
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Figure 17. Bubble MWP1G338393+001277, the MWP bubble with the highest number of associated RMS young stellar sources within
2 radii (Re!=6!) from its center, which was found to enclose the newly discovered massive cluster Mercer 81 at a distance of 11±2
kpc (Davies et al. 2012). The image was created from 4.5/8.0/24.0µm images from the Spitzer GLIMPSE/MIPSGAL surveys. Additional
MWP-L bubbles in the field are also shown as ellipses. RMS sources are shown with + (YSOs), squares (H ii regions) and diamonds
(di!use H ii regions).

high level of clustering of MYSOs and H ii regions and
the bubbles, reflecting the clustered mode of massive star
formation on the one hand, and indicating a strong as-
sociation of bubbles with massive star formation activity
on the other.
The largest (and thickest) bubbles in the MWP sam-

ple show a statistically significant overdensity of young
stellar sources near their rims. A qualitative analysis
of timescales for bubble expansion and shell fragmenta-
tion indicates that these large bubbles are likely to be
old enough to have caused the collapse of their dense
shells. While our analysis cannot prove or disprove the
occurrence of triggered star formation in these regions,
the finding supports a collect & collapse-driven mode of
triggered star formation on the rim of expanding bubbles.
We find that 67±3% of the RMS young stellar sources lie
within 2 radii of a MWP bubble, and 22±2% lie within
0.8-1.6 radii.
The most important caveats of this result are related

to the uncertainty on the bubble-YSO separation, due
to the astrometric precision and extended sizes of the
sources in both catalogs, the geometric approximation
used for the bubble sizes, and the uncertainty in source
types for the RMS sources. Thus we are unable to dis-
tinguish between those RMS sources that are coincident
with bubbles versus those that are potentially triggered
nearby. The interpretation of the results is limited by
the lack of MWP bubble distances and the complexity of
characterising bubble physical sizes and ages.
Whereas many studies of triggered star formation have

focused on detection of star formation activity in known
star forming regions, the analysis presented here shows
how statistical methods can be used to identify potential
regions of triggering in an unbiased way. The indepen-

dent recovery of a recently discovered massive cluster at
11±2 kpc with AV ! 45 ± 15, Mercer 81, by closer in-
vestigation of a strong bubble-MYSO association alone
demonstrates the potential of statistical comparisons of
large-scale multi-wavelength Galactic surveys - not just
for the study of Galactic-scale star formation, but for the
discovery of stellar clusters to large distances.
The advent of data from large-scale Galactic surveys at

infrared, submillimeter and millimeter wavelengths (e.g.
WISE, Wright et al. 2010; ATLASGAL, Schuller et al.
2009; and HiGAL, Molinari et al. 2010) o!er the exciting
prospect of extending such statistical studies to longer
wavelengths and larger areas of the Galaxy, allowing for
a more complete census of Galactic star formation and
a more comprehensive view on the lifecycle of molecular
material in the Milky Way. This was recently illustrated
using ATLASGAL survey data by Beuther et al. (2012).
Finally, it is important to note that the ability, pro-

vided by the MWP’s large catalog, to constrain the cor-
relation function of bubbles provides a stringent test for
future models of triggered star formation. Given appro-
priate assumptions or measurements of the age of a pop-
ulation of YSOs and young stars a model of triggering
that includes estimates of e"ciency and an expansion
of the bubbles should predict the form of the observed
correlation function.

7. CODE

The main body of code to perform the correlation
and auto-correlation analyses presented in this paper was
written in Python version 2.6, and is available online via
the journal. In addition, it is freely available for down-
load as a public Github repository webpage10. We invite

10 https://github.com/skendrew
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FIG. 1.— 3-color Spitzer image of NGC 2467: Red is MIPS 24 µm, green is IRAC 8.0 µm, and blue is IRAC 4.5 µm. Red, yellow, and green Xs show locations
of Class 0/I, Class I/II, and Class II protostars, respectively, and blue squares mark the locations of known OB stars in the region. The dashed line shows the
location of the HST ACS FOV, as seen in Figures 6 and 7. A scale of 1! is labeled in the figure. This line corresponds to a distance of 1.2 pc given the assumed
distance of 4.1 kpc to the region.

FIG. 2.— IRAC color-color diagram for NGC 2467, showing YSO clas-
sification of IRAC detected sources. Color criteria taken from Allen et al.
(2004), and Whitney et al. (2003 & 2004b).

Using the flux limits from our Spitzer observations, we cal-
culated the fraction of the total 200,000 SED models from

FIG. 3.— IRAC and MIPS color-color diagram for NGC 2467, showing
YSO classification of the MIPS 24 µm detected sources. Color criteria taken
from Whitney et al. (2003a, 2003b, & 2004b) and Reach et al. (2004).

Robitaille et al. (2006) that we would have been able to de-
tect. Our calculated flux limits were based on our three-sigma
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FIG. 8.— Locations of identified ionization fronts in NGC 2467, same scale as in Figure 1. Identified ionization fronts are outlined in red and are over-plotted
on the IRAC 8.0 µm channel in green and the 4.5 µm channel in blue. The 45 candidate YSOs are labeled by their source number, and their location is shown.
29 out of the 45 YSOs appear to be strongly correlated with locations of identified ionization fronts. Line equal to 1! corresponds to a distance of 1.2 pc, given
the assumed distance of 4.1 kpc to the region.

FIG. 9.— Distance distribution of YSOs in NGC 2467 from the nearest ion-
ization front, approximately 60% of the YSOs are located within a projected
distance of 0.5 pc or less from the nearest ionization front.

near the edge of the ionization front, with projected distances
from the ionization front ranging from 0.03 to 0.50 pc. There

is also one other source (#12) slightly farther out, at a pro-
jected distance of 1.04 pc.
Three other ionization fronts were identified using the edge

detection routines. Another five detected YSOs (#’s 3, 23,
33, 42, and 45) are located in close proximity to these three
ionization fronts. Overall, 29 of the 45 identified YSOs ap-
pear strongly clustered around the detected ionization fronts,
which demonstrates that the majority of the detected YSOs
are most strongly concentrated around the ionization fronts,
and they are not well correlated with the O and B star loca-
tions.
The histogram distribution of source distances shown in

Figure 9 shows that there is a markedly higher frequency of
sources near the ionization fronts. The projected distances of
the 45 YSOs from the nearest ionization front ranges from
0.02 - 2.2 pc, with more than 60% (28 out of 45), of the
sources falling within 0.6 pc of a detected ionization front,
and 70% (32 out of 45 objects) falling within 1.0 pc of an
ionization front. Our analysis is incapable of detecting face-
on ionization fronts; therefore the other 13 sources, which are
not seen in projectionwithin 1.0 pc of an ionization front, may
still be near ionization fronts as well.
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Figure 1. Left to right: (a) CO-subtracted S2SRO 850 µmmap of NGC1333. Contours are at 0.02,0.1,0.5, 2.5 Jy/beam. The black line marks the CO subtraction
region. Labels identify SCUBA sources (Hatchell et al. 2005) and the two B stars. Markers identify embedded protostars from Hatchell et al. (2007) (red circles
for Class 0, orange circles for Class I), Jørgensen et al. (2006) (yellow +) and Gutermuth et al. (2008) (yellow !). (b) S2SRO 450 µm map in Jy/beam. (c)
Dust temperature Td map at ! = 1.8 in units of Kelvin. Contours are at Td = 12, 20, and 30 K.

region indicating that the front of the core from which the optically-
thick 12CO escapes is cold and the star and the hot dust lie behind
the dense core.

4 DISCUSSION

Our observations show that star formation has raised 450/850 ratios
in NGC1333. The absolute values of temperature in Fig. 1 depend
on our assumption of ! = 1.8, and increases in ! may account for
some of the 450/850 ratio rises towards dense cores. However, an
explanation based on opacity alone would require extreme values of
! ! 3 towards the reflection nebula and luminous SVS13, whereas
dust heating provides a simple explanation for ratio rises in these
regions.

According to theory, heating increases thermal pressure which
acts to stabilise cloud material against further fragmentation (Jeans
1902). The thermal Jeans length and Jeans mass scale as

"
T and

T 3/2 respectively. Cores may be heated internally, potentially sup-
pressing fragmentation resulting in more massive stars, or exter-
nally by earlier generations of stars, as recently investigated in
G8.68#0.37 (Longmore et al. 2011). In NGC1333, there is no evi-
dence that the northern region has fragmented with larger core sep-
arations than the rest of the region to date, presumably because the
1!–1.5! core separation scales have been set by turbulent, rather
than thermal, support (e.g. Chabrier & Hennebelle 2011). The lo-
cal temperature rise in NGC1333 N due to the existing optical
cluster and embedded protostars may, however, now inhibit the for-
mation through fragmentation of further gravitational cores within
the northern region. At the average molecular hydrogen density of
NGC1333 N, nH2

$ 4%104 cm"3, the Jeans mass increases from

0.5 to 4 M# as temperature rises from 10 to 40 K. If no further
cores form, the existing protostars will accrete the remaining grav-
itationally bound gas (minus a fraction removed by outflows). The
existing cores will produce more massive stars than they would
have done in the absence of external heating. Hence the radiative
feedback from the existing cluster may influence the development
of the next generation of stars.

There is possible evidence in the data here of the effect
of external heating in promoting massive star formation in core
HRF56. The embedded protostar SSTc2d J032907.8+312157 lies
only 0.05 pc in projection from the B5 star SVS3 and on the
edge of the optical nebula. If its current luminosity of 27L#

(Evans et al. 2009) is internally generated (rather than reprocessed
emission from SVS3), and with a few M# envelope still to ac-
crete, HRF56 could be forming a second B star. Its lack of frag-
mentation could be influenced by heating from nearby SVS3. The
nearby HRF54 core may be affected similarly in the future. We
agree with Longmore et al. (2011) that this is a somewhat un-
satisfactory circular argument as it requires a pre-existing mas-
sive star (SVS3) to provide the feedback, rather than a cluster of
low-mass stars. Further to the south, HRF45/IRAS 6 has a cur-
rent luminosity of 15L# and a few M# envelope so could also
reach B-star status. This source, however, does not lie close to any
such luminous star and a double radio detection indicates that it
has already fragmented (Rodrı́guez, Anglada & Curiel 1999). Any
further stars formed are likely to be typical AFGK-type clus-
ter members since the remaining cores are low mass, at most a
few M# each. (Note that the total mass in NGC1333 N is only
! 20M#, assuming an average dust temperature of 20 K. Previous
core mass calculations assumed fixed temperatures (Hatchell et al.
2007; Kirk, Johnstone & Tafalla 2007; Sandell & Knee 2001) or

c" 2012 RAS, MNRAS 000, 1–??

4 Hatchell et al.

Figure 1. Left to right: (a) CO-subtracted S2SRO 850 µmmap of NGC1333. Contours are at 0.02,0.1,0.5, 2.5 Jy/beam. The black line marks the CO subtraction
region. Labels identify SCUBA sources (Hatchell et al. 2005) and the two B stars. Markers identify embedded protostars from Hatchell et al. (2007) (red circles
for Class 0, orange circles for Class I), Jørgensen et al. (2006) (yellow +) and Gutermuth et al. (2008) (yellow !). (b) S2SRO 450 µm map in Jy/beam. (c)
Dust temperature Td map at ! = 1.8 in units of Kelvin. Contours are at Td = 12, 20, and 30 K.

region indicating that the front of the core from which the optically-
thick 12CO escapes is cold and the star and the hot dust lie behind
the dense core.

4 DISCUSSION

Our observations show that star formation has raised 450/850 ratios
in NGC1333. The absolute values of temperature in Fig. 1 depend
on our assumption of ! = 1.8, and increases in ! may account for
some of the 450/850 ratio rises towards dense cores. However, an
explanation based on opacity alone would require extreme values of
! ! 3 towards the reflection nebula and luminous SVS13, whereas
dust heating provides a simple explanation for ratio rises in these
regions.

According to theory, heating increases thermal pressure which
acts to stabilise cloud material against further fragmentation (Jeans
1902). The thermal Jeans length and Jeans mass scale as

"
T and

T 3/2 respectively. Cores may be heated internally, potentially sup-
pressing fragmentation resulting in more massive stars, or exter-
nally by earlier generations of stars, as recently investigated in
G8.68#0.37 (Longmore et al. 2011). In NGC1333, there is no evi-
dence that the northern region has fragmented with larger core sep-
arations than the rest of the region to date, presumably because the
1!–1.5! core separation scales have been set by turbulent, rather
than thermal, support (e.g. Chabrier & Hennebelle 2011). The lo-
cal temperature rise in NGC1333 N due to the existing optical
cluster and embedded protostars may, however, now inhibit the for-
mation through fragmentation of further gravitational cores within
the northern region. At the average molecular hydrogen density of
NGC1333 N, nH2

$ 4%104 cm"3, the Jeans mass increases from

0.5 to 4 M# as temperature rises from 10 to 40 K. If no further
cores form, the existing protostars will accrete the remaining grav-
itationally bound gas (minus a fraction removed by outflows). The
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There is possible evidence in the data here of the effect
of external heating in promoting massive star formation in core
HRF56. The embedded protostar SSTc2d J032907.8+312157 lies
only 0.05 pc in projection from the B5 star SVS3 and on the
edge of the optical nebula. If its current luminosity of 27L#

(Evans et al. 2009) is internally generated (rather than reprocessed
emission from SVS3), and with a few M# envelope still to ac-
crete, HRF56 could be forming a second B star. Its lack of frag-
mentation could be influenced by heating from nearby SVS3. The
nearby HRF54 core may be affected similarly in the future. We
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sive star (SVS3) to provide the feedback, rather than a cluster of
low-mass stars. Further to the south, HRF45/IRAS 6 has a cur-
rent luminosity of 15L# and a few M# envelope so could also
reach B-star status. This source, however, does not lie close to any
such luminous star and a double radio detection indicates that it
has already fragmented (Rodrı́guez, Anglada & Curiel 1999). Any
further stars formed are likely to be typical AFGK-type clus-
ter members since the remaining cores are low mass, at most a
few M# each. (Note that the total mass in NGC1333 N is only
! 20M#, assuming an average dust temperature of 20 K. Previous
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A. Sicilia-Aguilar et al.: Herschel/PACS CrA observations

Fig. 10. Expanded view of the approximate temperature map from Fig. 9. The known cluster members and submillimeter emission regions are
marked by stars and labeled. Protostars and disks are hot (red), while the starless 870 µm regions are clearly colder than the rest of the cloud. FP-25
is colder than IRS 5, and IRS 7e is also colder than IRS 7w. There is no significant emission near IRS 9, located to the east of a submillimeter
“hole”. The Class 0 candidates, SMM 1 A and SMM 1 As, are clearly colder than the dominant Class I protostars and the disked objects. The very
low-mass protostellar candidate, G-122, is also colder than more massive Class I sources. The secondary peak of the LABOCA map, coincident
with source SMM 6 from Nutter et al. (2005), is a distinct region even colder than the Class 0 protostars.

slope in the 24!70!100!160 µm range, protostellar objects can
show flat, rising, or decreasing slopes in this range, depending
on their temperatures. The second important parameter is the ob-
ject mass. Massive disks have much flatter slopes than depleted
disks, which becomes clear in the relation between the 24 µm
and 100 µm flux (see the loci of the typical disks such as G-85,
CrA-45, CrA-466 vs. that of the mass-depleted or low mass disks
such as CrA-159 and G-1). Dust-depleted disks would also have
a higher 24 µm/160 µm ratio, although none is detected at this
wavelength. The masses, temperatures, and evolutionary state
of protostellar objects are to some extent degenerate and di!-
cult to uniquely determine without detailed modeling, although
the general trend is that less massive and less evolved objects
will tend to have lower fluxes and lower temperatures (Myers
& Ladd 1993). The distinction between protostars and disks is
thus maximal in the diagrams that include the shorter wave-
lengths (24 µm). The 100 µm/160 µm vs. 100 µm diagram is
harder to interpret in terms of evolutionary state, since emission
at these wavelengths in both protostars and disks comes mostly
from small cold grains, which means that objects are separated

by their luminosity. The low-mass protostar candidate G-122 is
found in an intermediate location due to its low flux and long
wavelength SED peak (low temperature). Although there are
fewer objects detected at 70 and 160 µm (in particular, among
the low-mass protostars and low dust-mass disks), these dia-
grams also reveal a similar trend.

The PACS and submillimeter data for two of the sources
associated with the main cluster (SMM 1 A and SMM 1 As;
Groppi et al. 2007) strongly resemble the emission expected
for Class 0 objects. SMM 1 A has already been classified as
a potential Class 0 source (Nutter et al. 2005). Including the
Herschel data, we constructed simple modified black-body mod-
els for these objects, following Ward-Thompson et al. (2002).
The emission of a modified black-body, or gray-body, can be
written as

F! = B!(T )(1 ! e!"!)", (1)

where F! is the flux density, B!(T ) is the black-body emission
for a temperature T , "! is the frequency-dependent optical depth,
and " is the solid angle subtended by the source. If we assume
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Figure 3. Total mass in stars (sink particles) as a function of time, showing
all eight calculations with (thick lines) and without (thin lines) radiative
transfer at four different magnetic field strengths: hydrodynamic (solid black
lines), M/! = 10 (dotted red lines), M/! = 5 (dashed blue lines) and
M/! = 3 (dot–dashed magenta lines). The SFR decreases with increasing
magnetic field strength and with the addition of radiative feedback. Note
how the two curves for each magnetic field strength track each other for
some time before diverging, indicating that radiative feedback only plays a
role in suppressing subsequent fragmentation rather than changing the initial
pattern of star formation.

surrounding region to temperatures > 30 K, effectively shutting off
any further fragmentation in this material (as evident in the left-hand
column-density panels of Fig. 2).

4.3 Star formation rate

The effects of both magnetic fields and the radiative feedback on
the SFR are quantified in Fig. 3, which shows the total mass in pro-
tostars (i.e. the total mass of all sink particles in a simulation) as a
function of time. After t = 1.2 t ff , the eight simulations form a strict
sequence of progressively decreasing SFR in the order: hydrody-
namic, barotropic; hydrodynamic, radiative transfer (RT); M/! =
10, barotropic, M/!= 10, RT; M/!= 5, barotropic, M/!= 5, RT;
M/! = 3, barotropic, M/! = 3, RT, i.e. with magnetic fields as the
primary effect and radiative feedback secondary. The rate at which
gas is converted into stars decreases due to the influence of both
magnetic fields and radiative feedback, though more strongly with
the former. For example, at t = 1.2 t ff , the hydrodynamic calculation
contains 2.2 M! in stars using a barotropic equation of state, com-
pared to 1.3 M! with radiative feedback, both of which are higher
than the [0.83 M!, 0.44 M!] formed by the weak field M/! =
10 calculation at the same time [without,with] radiative transfer.
These numbers decrease further to [0.42 M!, 0.33 M!] for the
M/! = 5 simulation and further still to [0.055 M!, 0.0056 M!]
for the strongest magnetic field case (M/! = 3). This general trend
is continued as far as we have been able to run the calculations in
each case (Fig. 3).

The fact that the radiative feedback influences subsequent star
formation rather than the initial fragmentation is also evident from
Fig. 3. In particular, the two curves corresponding to the same mag-
netic field strength but with and without radiative transfer in each
case track each other closely after first sink formation, before di-

verging at later times. Taking the M/! = 3 case as an example (i.e.
the lower two curves in Fig. 3), and comparing the time evolution
in Fig. 3 to the fragmentation sequence shown in Fig. 5, it may
be observed that the two curves diverge when secondary disc frag-
mentation occurs in the barotropic calculation (t " 1.27t ff ), leading
to a burst of star formation (and subsequent ejection of low-mass
objects from the multiple system). In the radiative transfer case, the
disc does not fragment but instead continues to slowly accrete on
to the existing protostar.

Magnetic fields and radiation are also found to affect differ-
ent densities in the cloud. Fig. 4 shows the mass above a given
density threshold in the cloud as a function of time for three dif-
ferent density thresholds, " > 10#17 g cm#3 (bottom panel), " >

10#14 g cm#3 (middle panel) and " > 10#11 g cm#3 (top panel),
where solid lines correspond to calculations using a barotropic
EOS and dashed lines refer to calculations using radiative trans-
fer and, as in Fig. 3, the lines form a sequence from top to bottom

Figure 4. The total mass above certain density thresholds in each col-
lapsing cloud as a function of time. From top to bottom the panels show
M (" > 10#17 g cm#3) (approximately two orders of magnitude denser
than the original cloud density), M (" > 10#14 g cm#3) and M (" >

10#11 g cm#3) (i.e. above which most material is in protostars). The dif-
ferent lines are as in Fig. 3. Thick lines denote those calculations with
radiative feedback, while thin lines are using the barotropic equation of
state. The line types and colours denote the magnetic field strength (also
ordered from top to bottom in each panel with progressively increasing
magnetic field strength). Magnetic fields can be seen to affect the collapse
rate at all density thresholds (all panels), while radiative feedback primarily
prevents fragmentation in the highest density regions of the cloud (top panel,
comparing thin and thick lines).
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